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ABSTRACT
We have investigated the degree to which turbulence in the Very Local Interstellar Clouds resembles the highly
studied turbulence in the solar corona and the solar wind, particularly the high-speed solar wind. The turbulence
diagnostics for the Local Clouds are the absorption line widths measured along 32 lines of sight to nearby stars,
yielding measurements for 53 absorption components. We have tested whether the Local Cloud turbulence has the
following properties of turbulence in the solar corona or the solar wind: (1) velocity fluctuations mainly perpendicular
to the average magnetic field, (2) a temperature anisotropy in the sense that the perpendicular temperature is larger
than the parallel temperature (or at least enhanced relative to expectation), and (3) an ion temperature which is
dependent on the ion Larmor radius, in the sense that more massive ions have higher temperatures. Our analysis
of the data does not show compelling evidence for any of these properties in Local Cloud turbulence, indicating
possible differences with the aforementioned heliospheric plasmas. In the case of anisotropy of velocity fluctuations,
although the expected observational signature is not seen, we cannot exclude the possibility of relatively high degrees
of anisotropy (anisotropy parameter  ∼ 0.50–0.70), if some other process in the Local Clouds is causing variations
in the turbulent line width from one line of sight to another. We briefly consider possible reasons for differences
between heliospheric turbulence and that in the Local Clouds. The apparent absence of anisotropy of the velocity
fluctuations and ion temperature might be due to randomization of the interstellar magnetic field on spatial scales
∼10 pc, but this would not explain the absence of ion mass dependence in the ion temperature. A likely explanation
for the absence of temperature anisotropy and mass-proportional temperature in the Local Clouds, and the presence
of these effects in the corona and high-speed solar wind, is the greater collisionality, due to ion–neutral collisions,
of the partially ionized Local Cloud plasma.
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properties of turbulence in another medium which is, perhaps
surprisingly, very well diagnosed. This medium is the partially
ionized plasma contained in clouds in the Very Local Interstellar
Medium (VLISM) within about 15 pc of the Sun. The properties of these clouds, and the ways in which turbulence in them is
measured, are discussed in Section 3. The goal of this paper is
to investigate the extent to which the turbulence in these clouds
resembles, or differs from, the turbulence in the solar corona
and the solar wind.
A preliminary report on this topic was given in Spangler et al.
(2010). That paper pointed out that the high spectral resolution
absorption line measurements of Redfield & Linsky (2001,
2004) could be used to extract properties of turbulence in the
Local Clouds, and that the inferred properties could be compared
with those of the solar corona and solar wind. Spangler et al.
(2010) drew preliminary conclusions from examination of the
results published in Redfield & Linsky (2004). In the present
paper, we use detailed and quantitative analyses of the data of
Redfield & Linsky (2004) to study the plasma turbulence in the
Local Clouds.

1. INTRODUCTION
Turbulence is believed to be an extremely important phenomenon in many astrophysical media, such as the diffuse
phases of the interstellar medium, molecular clouds, supernova
remnants, accretion disks around compact objects, extragalactic
radio sources, and the intracluster media of clusters of galaxies.
It is speculated that this turbulence may serve such functions
as providing additional sources of pressure or heat input, determining transport coefficients such as viscosity and resistivity,
and accelerating charged particles to high energy. Assessment
of these possibilities requires knowledge of the properties of
the turbulence in some detail. To address these possible roles
of turbulence, we need to know not only the power spectrum,
which may be nearly identical for turbulent excitations in vastly
different cases (see, for example, Bayley et al. 1992), but more
importantly, the symmetries and relationships between fluctuations in plasma velocity, magnetic field, density, etc.
Such knowledge is almost unattainable for most media of
interest to astronomers. In many astrophysical plasmas, even the
average plasma parameters are incompletely known or totally
unknown. Information on the properties of turbulence is almost
always highly indirect in the spatially averaged, path-integrated
measurements available to astronomers. Given this, a priori
knowledge of the nature of turbulence from independent sources
becomes very important.
Observations of the magnetohydrodynamic (MHD) turbulence which exists in the solar wind play a very important role in
our understanding of turbulence, and solar wind data sets have
been the primary data sources in the development and validation
of theories of MHD turbulence. In this paper, we consider the

2. PROPERTIES OF SOLAR WIND TURBULENCE
The obvious advantage of solar wind turbulence is that basic
plasma physics measurements of vector magnetic field, plasma
flow velocity, density, temperatures, and even electron and ion
distribution functions can be measured in situ with spacecraft.
The fluctuations in all of these quantities have been extensively studied, a large literature written, and major conclusions
reached. Among the many influential articles and reviews of
the subject are Bavassano et al. (1982), the monograph by Tu
1
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clearly illustrated there that the core of the proton distribution function is anisotropic with T⊥ > T . Apparently, the
same process that is operative in the corona is still active in
the high-speed solar wind, particularly inside the orbit of
the Earth. In the slow-speed wind and high-speed wind at
r  1 AU, typically T⊥  T .
Plots of the distribution of measurements of T⊥ /T at
1 AU show a wide range of values, both greater than and
less than unity, but the most probable value of T⊥ /T is <1
for both fast and slow wind (Hellinger et al. 2006; Kasper
et al. 2009). However, as is clearly discussed in Marsch
et al. (1982), the radial gradient of T⊥ is less than that
expected for adiabatic expansion of the solar wind plasma,
and much less than would occur if the first adiabatic
invariant were conserved, given the measured heliocentric
distance dependence of the interplanetary magnetic field.
Marsch et al. (1982) show that this is true for both
the fast and slow wind, and this result is confirmed by
Kasper et al. (2009). This reduced perpendicular cooling
with heliocentric distance is most obviously, although not
uniquely, explained as a perpendicular heating mechanism,
perhaps the same as that functioning in the corona.
Chandran (2010) has recently proposed that another heating mechanism termed “stochastic acceleration,” due to
significant velocity fluctuations on scales comparable to
the ion cyclotron radius, can also produce the observed
features of anisotropic temperatures. Chandran’s mechanism does not require a cyclotron resonance between ions
and plane Alfvén waves. Finally, it is worth noting that in
collisionless heliospheric plasmas, the ion and electron distribution functions are not Maxwellians (e.g., Tu & Marsch
1995), a fact which may be of great significance to the
thermodynamics of these plasmas (Scudder 1992).
4. Different ions, characterized by different Larmor radii,
have different temperatures. Those ions with larger
Larmor radii have higher temperatures. This property,
which is also readily understood on the basis of ion cyclotron resonance mechanisms (Hollweg 2008) as well as
the stochastic acceleration mechanism of Chandran (2010),
is highly pronounced in the solar corona, where the spectroscopically inferred temperature of O+5 is at least 30
times the proton temperature (Cranmer 2002). A particularly striking illustration of the observed variation of temperature with ion species is given in Moran (2003), particularly Figure 5 of that paper.

& Marsch (1995), and the review articles by Goldstein et al.
(1995) and Bruno & Carbone (2005).
Another nearby plasma with extensive diagnostics (although
not, as yet, in situ measurements) is the solar corona. Our
knowledge of the corona and its turbulence results from high
spatial resolution images, ultraviolet spectroscopy of numerous
transitions, and radio propagation measurements. In addition,
a sort of “ground truth” of coronal plasma measurements is
provided by spacecraft measurements at heliocentric distances
from 0.28 to 1 astronomical units (AU). The coronal plasma is
convected out into space and becomes the solar wind. Among the
many reviews of the coronal plasma, two which are particularly
relevant to the present investigation are Cranmer (2002) and
Bird & Edenhofer (1990).
A list of the main properties of solar wind and coronal
turbulence could be extensive. We list four properties which
are particularly relevant to the present investigation.
1. The fluctuations in magnetic field and plasma flow velocity are highly correlated. The equations of MHD couple
fluctuations in magnetic field and plasma flow velocity.
The dimensionless amplitude of the velocity fluctuations,
δv/VA is highly correlated with the dimensionless amplitude of the magnetic field fluctuations, δb/B0 , where δb
and δv are the root-mean-square (rms) fluctuations in magnetic field and flow velocity, respectively, and VA and B0
are the Alfvén speed and magnitude of the magnetic field
(Spangler & Spitler 2004). This property can be used to
infer the magnitude of fluctuations in one of the quantities
(δb or δv), given a measurement of the other.
2. The fluctuations in magnetic field and velocity are predominantly perpendicular to the large-scale interplanetary
magnetic field. Theoretically, this property can be understood as the turbulence being either a superposition of
parallel-propagating Alfvén waves, or an ensemble of eddy
structures that obey the equations of quasi-two-dimensional
MHD, or most probably, a superposition of the two types
of fluctuations (a mixture of the so-called slab and twodimensional fluctuations; Goldstein et al. 1995; Tu &
Marsch 1995). Observations illustrating this property are
presented in Bavassano et al. (1982) and Klein et al. (1991,
1993). Bavassano et al. (1982) and Klein et al. (1991, 1993)
also show that transverse velocity fluctuations are not a universal property of solar wind turbulence. They find that the
anisotropy of the turbulence (i.e., the excess of perpendicular over parallel fluctuations) decreases with heliocentric
distance, although Cranmer et al. (2009) suggest that this
result may be controversial; see the discussion in the last
paragraph of Section 4 of Cranmer et al. (2009). Klein et al.
(1991, 1993) report that the anisotropy is less pronounced in
the slow-speed solar wind relative to the high-speed wind,
although Spangler & Spitler (2004) measured significant
anisotropy in the slow solar wind.
3. A plasma heating process is occurring which preferentially
increases the perpendicular (to the magnetic field) temperature relative to the parallel temperature. This is a hallmark
of ion heating by ion cyclotron resonance mechanisms. In
the case of the corona, the perpendicular temperature T⊥ exceeds the parallel temperature T by a large factor (Cranmer
2002; Hollweg 2008). This is also true, to a less pronounced
degree, in the high-speed solar wind, particularly at heliocentric distances r < 1 AU. This temperature anisotropy
is discussed and clearly illustrated in the excellent paper
by Marsch et al. (1982, see their Figures 4 and 8). It is

Throughout this paper, we acknowledge the fact, already referred to in the points above, that the solar wind is not a homogeneous medium with a single set of characteristics. The
high-speed solar wind resembles, in many important respects,
the solar corona. Some of these properties are less pronounced
in the slow solar wind. Furthermore, many of the turbulence
properties that most interest us, such as anisotropy of the turbulent fluctuations and anisotropy of ion temperature, become less
pronounced as one goes further out in the solar wind, to greater
heliocentric distances (see, however, remarks in points (2) and
(3) above). The fundamental physics involved in this evolution
of turbulence properties with heliocentric distance remains unknown. This state of affairs is not particularly surprising, given
that the reasons for the differences between the fast and slow
solar wind are also poorly understood. According to one point
of view, the fast and slow winds are similar fluids, with the same
physical processes occurring. Additional active processes in the
slow solar wind, such as greater collisionality, remove features
2
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such as temperature anisotropy. However, it has also been suggested that the fast and slow winds have fundamentally different
plasma sources, and that the nature of the interactions between
plasma waves and particles is different in the two media (see
the Introduction to Antiochos et al. 2011 for a highly readable
presentation of this viewpoint). This point of view has also been
advanced by Bruno et al. (2001) and Borovsky (2008), among
others.
In this paper, we will explore the possibility that the turbulence in the VLISM resembles that in the corona and the
high-speed solar wind. It is of great interest to ask whether
other astrophysical plasmas also possess turbulence with these
properties. The justification for contemplating such a similarity
is that the properties described in points (1)–(4) above are extensively and repeatedly found to be present in the corona and highspeed wind, so we know that astrophysical plasmas can assume
this state. Furthermore, these properties have been explained on
the basis of fairly robust laws of physics (e.g., Cranmer 2002;
Hollweg 2008). For both of these reasons, the corona and highspeed solar wind constitute an attractive paradigm for other
astrophysical plasmas. It is our interpretation of solar wind data
that many of these characteristics apply to the slow-speed solar
wind as well, although admittedly to a lesser degree. A valid
similarity between the corona and high-speed solar wind on one
hand, and the plasma of the VLISM on the other, would permit
immediate application of the considerable body of knowledge
and understanding of heliospheric turbulence to the numerous
media listed at the beginning of the Introduction. The specific
goal of this paper is a modest step in that direction.

Table 1
Mean Plasma Parameters of Local Interstellar Clouds
Plasma Parameter
Electron density
Neutral density
Temperature
Magnetic field

Value
0.11 cm−3
0.1 cm−3
4000–8000 K (typical)
3–4 μG (assumed)

are given in Table 1 (adapted from Redfield & Linsky 2008;
Redfield & Falcon 2008).
Information on turbulence in the Local Clouds is discussed
in Redfield & Linsky (2004). Such information is retrievable
because the absorption line width b can be measured for
transitions of several atoms or ions. Redfield & Linsky (2004) fit
the line width data for each line of sight and Doppler component
to the formula
2kB T
b2 =
(1)
+ ξ 2,
m
where T is the temperature (assumed the same for all atomic
and ion species), kB is Boltzmann’s constant, m is the mass of
the atom or ion, and ξ is the non-thermal Doppler width of the
line, attributable to turbulent flows in which all ions and atoms
participate.
To anticipate one of the main points of this paper, a coronal
astronomer or solar wind physicist would immediately take
issue with Equation (1), noting point (4) above that in those
media, different atoms and ions have different temperatures. In
Section 4.4, we will investigate the degree to which a single,
common temperature characterizes the Local Clouds.
An obvious question which arises when considering the
turbulence in the Local Clouds is the mechanism or mechanisms
responsible for the origin of this turbulence. This is not known at
the present time. This is hardly surprising, given that the origin
of solar wind turbulence is still controversial (see the discussion
in Spangler et al. 2010). In the case of the Local Clouds,
there are a couple of viable possibilities. First, Linsky et al.
(2008) present compelling arguments that regions of interaction
between various clouds possess enhanced levels of turbulence
which result in elevated levels of interstellar scintillation (ISS).
Linsky et al. (2008) suggest that flow compression and shear at
these interfaces could generate the turbulence which produces
enhanced ISS. This discovery suggests the possibility, to date
not examined in detail, that processes in these interface regions
could be responsible for the turbulence described by Redfield &
Linsky (2004).
A second possibility comes from the suggestion that the Local
Clouds are a result of Rayleigh–Taylor instability of a shell
produced by the stars of the Scorpius–Centaurus association
(references in the literature given in Frisch et al. 2011). If
the clouds themselves were formed by a Rayleigh–Taylor
instability, it seems possible that this instability could produce a
turbulent cascade to much smaller scales, and thus generate the
turbulence diagnosed by Redfield & Linsky (2004).

3. THE CLOUDS OF THE VERY LOCAL INTERSTELLAR
MEDIUM AND THE TURBULENCE THEY CONTAIN
The VLISM is loosely defined as the interstellar medium
within about 15 pc of the Sun. One of the interesting aspects of
the VLISM is that it contains about 15 clouds with diameters
of a few parsecs (Redfield & Linsky 2008). It appears that the
Sun is near the interface and region of interaction of two of
these clouds, the Local Interstellar Cloud, or LIC, and the G
cloud (Redfield & Linsky 2008). Reviews of the properties of
these clouds may be found in Frisch (2000), Redfield (2009),
and Frisch et al. (2011). Most of the information we have
about these clouds comes from UV and visible wavelength
spectroscopy. Absorption lines attributable to these clouds are
measured along lines of sight to nearby stars with precisely
known distances. Properties of these clouds are deduced from
the Doppler shift, strength, and width of the spectral lines. These
clouds are plasmas because absorption lines of ions as well as
neutral atoms are observed; the ionization fraction is about 50%
(Redfield & Falcon 2008).
Although the information available on these clouds is not as
extensive as for the solar wind or solar corona, it is sufficient to
place the Local Clouds among the best-diagnosed astrophysical
plasmas. There are several reasons for this state of affairs. First,
because the absorption lines are measured in the spectra of
nearby stars with precisely known distances, the spatial extent
of the clouds is well determined. Second, the neutral component
of the clouds flows into the inner solar system, where it can
be measured in situ (e.g., Moebius et al. 2009). Finally, the
heliosphere is embedded in one of these clouds, the LIC, and the
solar wind interacts with it. The shape and other characteristics
of the solar wind interaction provide constraints on the LIC
properties (Lallement et al. 2005; Opher et al. 2009; Frisch
et al. 2010). The mean plasma properties of the turbulent clouds

4. A STUDY OF LOCAL CLOUD TURBULENCE
PROPERTIES
In this section, we test whether the four properties of coronal
and solar wind turbulence stated in Section 2 above also
characterize the turbulence in the Local Clouds. The data set we
use are the published measurements of T and ξ given in Redfield
& Linsky (2004) and Redfield & Linsky (2001). We also have
used the line width measurements b for different atoms and ions.
3
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chrotron emission (Beck et al. 1996; Haverkorn et al. 2004b),
the magnetic field models are deduced from measurements on
lines of sight which are kiloparsecs in length. All analyses of the
Galactic magnetic field agree that the fluctuating (presumably
turbulent) component of the Galactic magnetic field is comparable to or larger than the systematic component (e.g., Rand
& Kulkarni 1989; Minter & Spangler 1996; Haverkorn et al.
2004b; Van Eck et al. 2011). By systematic component, we
mean a vector field which is describable by a relatively simple
function of Galactocentric coordinates.
In a very local sense, the “large-scale” magnetic field is
almost certainly dominated by these turbulent fluctuations. It
may reflect the random orientation of the largest eddy in the
solar neighborhood. In any case, B0 , and the unit vector in the
direction of B0 , b̂, can point in any direction in the sky.
Before proceeding further, it is necessary to note that there
are two independent estimates of the direction of b̂ based on
spacecraft measurements in the outer heliosphere. The two
estimates for b̂ are not entirely in agreement, although they point
in roughly the same direction (see the following discussion).
Lallement et al. (2005) use the difference between the direction
of neutral helium flow and that of the largest concentration of
neutral hydrogen outside the heliopause3 to infer that b̂ points
in the range l = 205◦ –240◦ , b = −60◦ to − 38◦ . An opposite
direction for b̂ is also compatible with the data, and will be used
in the later discussion in this paper. Gurnett et al. (2006) report
measurements of the direction to sources of low-frequency radio
emission, which are assumed to be generated in the heliosheath.4
They assume that this radio emission is generated at points on the
heliopause which are perpendicular to B0 . They do not retrieve
the vector b̂, but report the angle between b̂ and the direction to
the ecliptic pole. They interpret their results as being consistent
with Lallement et al. (2005).
A model-dependent estimate of b̂ has also been presented by
Opher et al. (2009). Opher et al. (2009) use Voyager 1 measurements of the plasma flow direction in the heliosheath, together
with an MHD model of the heliosheath, to infer that b̂ points
in the approximate direction l = 10◦ –20◦ , b = 28◦ –38◦ . It is
worth emphasizing that all of the aforementioned techniques
are model dependent in that they adopt physical assumptions
about processes in the outer heliosphere, or use MHD simulations of the heliosphere to relate the actual measured quantity to
the properties of the solar wind–ISM interaction, including the
direction of b̂.
An additional, independent way of inferring the direction of
the magnetic field at the heliopause comes from the orientation
of the “ribbon” of energetic neutral atoms seen coming into
the inner solar system. The properties of the “ribbon” and its
implications for the interstellar magnetic field are discussed
by Frisch et al. (2010). The axis of the “ribbon,” which is
hypothesized to define the direction of the magnetic field in the
vicinity of the heliopause, is reasonably close to the direction for
b̂ given by Lallement et al. (2005). However, Frisch et al. (2010)
argue that this direction is displaced from the direction of the
local interstellar field (as indicated by polarization of starlight
of stars within 40 pc) by about 30◦ . Grygorczuk et al. (2011)
infer, on the basis of theoretical arguments, an interstellar field

Figure 1. Illustrated argument why the turbulent broadening parameter ξ should
depend on direction on the sky, if the turbulence is Alfvénic with velocity
fluctuations perpendicular to the large-scale interstellar magnetic field B0 .
The heavy arrows indicate the direction of B0 , and the shaded regions indicate
the relatively dense Local Clouds, embedded in the rarefied Local Cavity. A
line of sight along the large-scale field (to star A) will show little turbulent line
broadening because the fluctuations are perpendicular to the line of sight. A line
of sight across the field (to star B) will show large turbulent line broadening
because the turbulent velocity fluctuations are aligned with the line of sight.
Figure taken from Spangler et al. (2010).

These data are shown in Figure 1 of Redfield & Linsky (2004).
We have used the numerical versions of those data, which are
available for many lines of sight.
Data on T and ξ are given in Redfield & Linsky (2004) and
Redfield & Linsky (2001) for 32 lines of sight, possessing 53
absorption line components. Data on 50 absorption components
are given in Table 1 of Redfield & Linsky (2004). Data for the
remaining three components are given in Table 5 of Redfield
& Linsky (2001). Since some of the 32 lines of sight intercept
more than one cloud, we have a larger number of absorption
components than lines of sight. Each of the 53 components
provides an independent observational estimate of the properties
of turbulence in one of the 15 Local Clouds.
4.1. Velocity Fluctuations Perpendicular to B0
We interpret the turbulent line width parameter ξ to be a
measure of the velocity fluctuations in the cloud turbulence. If
solar wind turbulence is a good model for the cloud turbulence,
the velocity fluctuations should be perpendicular to the largescale interstellar magnetic field B0 . In this case, the measured
value of ξ should vary with position on the sky.
The reasoning behind this statement is illustrated in Figure 1.
In certain directions on the sky, we are looking across B0 , and
the turbulent fluctuations should be along the line of sight (more
properly, one of the two fluctuating velocity components in a
plane perpendicular to B0 will be aligned with the line of sight).
For other directions, we are looking along B0 , and the turbulent
velocity fluctuations are mainly transverse to the line of sight.
In this case, ξ should be small.
The direction of B0 must be considered an unknown parameter. Although there is information on the form of the global
Galactic magnetic field from Faraday rotation measurements of
pulsars and extragalactic radio sources (Rand & Kulkarni 1989;
Rand & Lyne 1994; Minter & Spangler 1996; Van Eck et al.
2011) as well as measurements of the polarized Galactic syn-
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direction closer to that of Lallement et al. (2005). In any case, we
can summarize this discussion by noting that there are a number
of independent pieces of evidence on b̂ from observations of the
outer heliosphere. These indicate that b̂ points in the first octant
of the sky in galactic coordinates, 0◦ < l, b < 90◦ .
To carry out an analysis suggested by Figure 1, we need
a model for the form of the turbulent line width ξ in the
case of anisotropic, Alfvénic turbulence in the Local Clouds.
The derivation of such an expression is given in the Appendix.
We assume the turbulence is characterized by an rms amplitude
of the perpendicular velocity fluctuations V⊥ , and an anisotropy
factor . When  is zero, the turbulence is isotropic, and if  = 1
the turbulent motions lie completely in the plane perpendicular
to B0 , with no motion in the direction of the field. In this case
(see the Appendix for derivation),
 2
v
ξ2
= L2 = 1 − (sin b sin β + cos Δl cos b cos β)2 . (2)
2
V⊥
V⊥

Figure 2. Plot of ξ 2 vs. | cos A|, when the local interstellar magnetic field
is assumed to point in the direction λ = 40◦ , β = 60◦ . The plot shows
measurements of ξ 2 extending to larger values for cos A  0.40, as expected
for transverse velocity fluctuations. The statistical significance of this difference
is discussed in Section 4.1.1. The dashed line shows the model given by
Equation (3) with V⊥2 = 8.00 km2 s−2 , and  = 0.70.

In addition to variables already defined, the galactic coordinates
of the direction of the line of sight are (l, b) and the galactic
coordinates defining the direction of the local magnetic field are
(λ, β). The angle Δl ≡ λ − l. The component of the gas velocity
along the line of sight is given by vL . Equation (2) is useful for
analyses of the sort to be described shortly but a more intuitive
expression is
 2
v
ξ2
= L2 = 1 −  cos2 A,
(3)
V⊥2
V⊥

turbulence, but it does give an indication of the data quality
in one of the best cases for anisotropy. An obvious feature in
Figure 2 is the presence of two data points at | cos A| 0.8–0.9
with possibly anomalous values of ξ 2 . These points correspond
to the +2.6 km s−1 radial velocity component for Alkaid (HD
120315) and the +13.9 km s−1 radial velocity component for
ζ Doradi (HD 33262). Obviously, any hint of a systematic
dependence of ξ 2 on A disappears if these are valid points.
However, it appears that they lie well outside the distribution
of ξ 2 values for stars with similar values of cos A. There is an
independent basis for suspecting that the line widths might be
affected by blends of two or more components, thus inflating a
single-component fit to the line. For this reason, Alkaid and ζ
Dor may be provisionally considered outliers. In the analyses
which follow, we have considered the complete data set of 53
absorption measurements, as well as an edited subset in which
Alkaid and ζ Dor are removed.

where A is the angle between the line of sight and the local field.
We cannot, in a straightforward way, test whether actual data
adhere to the relationship in Equation (3) without knowledge
of the direction of the local magnetic field, indicated by the
unit vector b̂ or the angles (λ, β). We therefore adopted the
following, brute-force approach, which was undertaken without
reference to the a priori estimates of the magnetic field direction
proposed by Lallement et al. (2005) and Opher et al. (2009).

4.1.1. A Search for Weaker Anisotropy and Quantitative
Limits to the Anisotropy

1. We chose 361 candidate directions for b̂, each characterized
by values of (λ, β). These candidate directions were spaced
10◦ apart in galactic latitude and longitude, and completely
covered one hemisphere of the sky. Given the nature of the
anisotropy sought, one hemisphere is adequate for complete
coverage.
2. For each candidate direction, the angle A could be calculated (using Equation (2)) for each line of sight for which
estimates of T and ξ are available from Redfield & Linsky
(2004) and Redfield & Linsky (2001). We then made a plot
2
of Vξ 2 versus cos A for this candidate direction of b̂.
⊥
3. Each plot was examined to see if a relationship of the form
given in Equation (3) could be discerned.

Figure 2 does not present a strong case for anisotropy,
defined as close adherence of the data to the expression given
in Equation (3). However, it is possible that an anisotropy of
the sort we are seeking is present, but obscured by star-to-star
variations of another, unknown nature. To detect anisotropy in
this case, it is necessary to average measurements for several
stars. Furthermore, we need a means of extracting from the data
a quantitative upper limit to the anisotropy parameter .
A simple way of addressing both of these points is to average
the data over intervals in cos A. For these purposes, we consider
the star-to-star variations as noise superposed to a true signal
of the form in Equation (3). If anisotropy is present, the average
2
value of Vξ 2 for all lines of sight with 0  cos A  0.3 will
⊥
be larger than for all lines of sight with 0.7  cos A  1.0.
Furthermore, the ratio of the mean values for ξ 2 in the two
ranges of cos A is a measure of, or upper limit to, the anisotropy.
The following analysis was undertaken.

No compelling cases for such a relationship were found. A
set of cases in which something like the expected relationship
seemed to be present in the data (often referred to by selfdeluded individuals as “tantalizing”) were collected for further
scrutiny. In these cases, there seemed to be a larger average
value of ξ 2 for smaller values of | cos A| than for larger values.
The total number of such cases was 10, and these cases were
roughly clustered in the direction λ ∼ 40◦ , β ∼ 60◦ . The case
for (λ = 40◦ , β = 60◦ ) is shown in Figure 2. We do not
claim this result as a detection of anisotropy in the Local Cloud

1. For each of the 10 lines of sight for which there was
some suggestion of anisotropy, as in the case of Figure 2,
we computed a list of ξ 2 versus cos A. Once again, we
point out that an assumed, candidate direction for the local
5
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Table 2
Averaging and Anisotropy Analysis—Alkaid and ξ Doradi Excluded
λ
10
20
40
40
40
60
60
60
80
90
17.7
42.5

Figure 3. Plot of the ratio R(a, ) for a = 0.3 (solid line) and a = 0.5 (dashed
line). Given an interval for averaging data (a = 0.3, 0.5), the measured ratio of
the mean values of ξ 2 in the intervals 0  cos A  a and 1 − a  cos A  1
corresponds to the ordinate, and the inferred value of the anisotropy factor  is
the abscissa.

ξ

1



a

(1 − x 2 )dx

1

R(0.5, )

2

40
60
30
40
60
40
50
60
50
50
34.1
49.0

1.65 ± 0.33
1.96 ± 0.33
1.24 ± 0.33
1.66 ± 0.33
1.99 ± 0.33
1.39 ± 0.33
1.99 ± 0.33
2.05 ± 0.33
2.44 ± 0.33
2.14 ± 0.33
1.46 ± 0.33
1.60 ± 0.33

0.55 ± 0.21
0.68 ± 0.14
0.27 ± 0.24
0.56 ± 0.20
0.70 ± 0.13
0.40 ± 0.31
0.70 ± 0.13
0.72 ± 0.13
0.82 ± 0.09
0.74 ± 0.11
0.44 ± 0.28
0.53 ± 0.23

1.37 ± 0.26
1.29 ± 0.26
1.56 ± 0.26
1.53 ± 0.26
1.34 ± 0.26
1.57 ± 0.26
1.51 ± 0.26
1.24 ± 0.26
1.24 ± 0.26
1.84 ± 0.26
1.98 ± 0.26
1.38 ± 0.26

0.52 ± 0.33
0.43 ± 0.37
0.68 ± 0.23
0.65 ± 0.24
0.49 ± 0.34
0.68 ± 0.22
0.64 ± 0.25
0.38 ± 0.25
0.38 ± 0.25
0.85 ± 0.16
0.91 ± 0.13
0.53 ± 0.32

1−a

=

1 − a 2 /3
= R(a, ).
1 − (a 2 − 3a + 3)/3

(5)

A plot of R(a, ) for a = 0.3 and a = 0.5 is shown in Figure 3.
Values of R(a = 0.3) and R(a = 0.5) and associated
anisotropy indices  were calculated for the 10 candidate
directions for b̂ described in Section 4.1. Data from all 53 lines
of sight were used. In only one case, for λ = 10◦ , β = 40◦ , did
R(a = 0.3) exceed unity by more than twice the adopted error
(R = 1.71 ± 0.33), and even in this case the value of R(a = 0.5)
was consistent with unity. For the other nine directions, both
R(0.3) and R(0.5) were consistent with unity (i.e., within two
standard deviations of unity). Of the 20 calculated quantities
(R(0.3) and R(0.5) for 10 directions), half had R  1, which
is inconsistent with a velocity anisotropy of the sort we are
seeking, but is consistent with random variations in the case
when ξ 2 is isotropic.
The results of this analysis may be summarized as follows. If
the data for Alkaid and ζ Dor are valid values, then there is no
candidate magnetic field direction with a statistically significant
value of R > 1, and corresponding value of  different from 0.
We now repeat this analysis, but assuming that Alkaid and
ζ Dor are outliers which may be excluded from the sample.
The results are presented in Table 2. The first four columns
of this table contain, respectively, the galactic longitude and
latitude of the candidate field direction, the measured value
of R with a = 0.3 and associated error, and the value of the
anisotropy parameter  consistent with R and its error, obtained
from Equation (5). The final two columns give the value of R
with a = 0.5 and the value of the anisotropy corresponding to
this value of R. The first 10 rows correspond to the directions
selected from our visual examination of plots similar to Figure 2.
The candidate field directions in the bottom two rows correspond
to those proposed by Opher et al. (2009) and Lallement et al.
(2005), respectively, and are discussed further in Section 4.3.
For the moment, we restrict consideration to the first 10 rows
of Table 2, which were directions (λ, β) chosen by us for closer
examination.
Table 2 shows a number of candidate directions for b̂ with
marginally significant evidence for anisotropy. Directions such
as (λ = 40◦ , β = 40◦ ), (λ = 40◦ , β = 60◦ ) (the case shown in

The reason for carrying out the ratio analysis for two values
of the interval width a, a = 0.3 and a = 0.5, is as follows. An
analysis of this sort has competing demands on the value adopted
for the width of the averaging interval, a. The smaller the value
of a, the greater will be the contrast between the mean values of
ξ 2 for the two intervals. On the other hand, a larger value of
a results in more stars and absorption components in each bin,
and thus a statistically more stable value of ξ 2 . We carried out
an analysis for both a = 0.3, to try to get the largest possible
contrast with a significant number of data points contributing to
the average, as well as a = 0.5, which has lower contrast but
includes all the data in the sample.
The mean value of ξ 2 in each of the intervals, and their ratio,
is easy to calculate from the data. To relate this ratio to the
anisotropy factor  requires use of Equation (3) for the expected
relationship ξ 2 (A). Given Equation (3), the mean value ξ 2 1 in
the first interval 0  cos A  a is given by
V2
= ⊥
a

R(0.3, )

and similarly with the second interval, so the ratio of the two
means, R(a), is given by
a
(1 − x 2 )dx
ξ2 1
R(a) ≡ 2 =  10
ξ 2
(1 − x 2 )dx

interstellar magnetic field is necessary to calculate the
angle A.
2. The mean value of ξ 2 was calculated for all measurements in
two ranges in cos A, 0  cos A  0.3, and 0.7  cos A 
1.0, as well as an estimate of the error in the mean. The
error in the mean of ξ 2 in the intervals was calculated
as follows. We used the measured mean and standard
deviation of ξ values (2.24 and 1.03 km s−1 , respectively)
given by Redfield & Linsky (2004) in Figure 2 of that
paper. These values were used to compute the mean and
standard deviation of the quantity ξ 2 . Finally, the standard
deviation of the mean of the quantity ξ 2 for a sample of 16
measurements (30% of 53 data points) was calculated.
3. A ratio R was calculated in which the numerator was
ξ¯2 ≡ ξ 2 1 in the first interval and the denominator was
ξ¯2 ≡ ξ 2 2 in the second interval. The error in this ratio was
calculated in the standard way, using the standard deviation
of the mean of ξ 2 described in item (2) above. Our value
for the standard deviation in R(0.3), used for all directions,
was 0.33.
4. Steps (2) and (3) were repeated for the broader intervals of
0  cos A  0.5 and 0.5  cos A  1.0 (a = 0.5). The
associated error in R(a = 0.5) was taken to be 0.26.

2

β

(4)

0
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mB⊥ =

Figure 2), (λ = 60◦ , β = 50◦ ), and (λ = 90◦ , β = 50◦ ) have
values of R(a = 0.3) which exceed unity by 2σ or more. A
plot of ξ 2 versus | cos A| for (λ = 90◦ , β = 50◦ ) is shown in
Figure 4, in the same format as Figure 2.
In some of these cases, both R(a = 0.3) and R(a = 0.5)
exceed unity by about 2σ or greater. Furthermore, the inferred
values for  for the two binning intervals are in agreement, within
the errors. Although the results of this analysis do not present
strong evidence for anisotropy of the Local Cloud turbulence
(our best cases are, after all, shown in Figures 2 and 4), they
are not inconsistent with b̂ pointing in the direction (λ = 40◦ ±
20◦ , β = 50◦ ± 20◦ ), and an anisotropy parameter  = 0.5–0.7.
Before leaving this section, two points should be emphasized.
First, the modest indications of anisotropy in Table 2 are
completely dependent on excluding the measurements of Alkaid
and ζ Dor, which so prominently depart from the model curves in
Figures 2 and 4. Second, the measurements of ξ 2 versus | cos A|
do not adhere closely to the relationship given by Equation (3),
but show a dispersion about that curve which is larger than the
measurement error. If anisotropy is present in these data, there
must be another, unnamed physical process responsible for the
variation in ξ from one line of sight to another.


 =1−

V
V⊥

2
=1−

2m2B
m2B⊥

,

(9)

where in Equations (8) and (9) we make the connection between
the rms velocity fluctuations and the velocity scales V and V⊥
of the fluctuation distribution function in the Appendix. Using
the values of mB and mB⊥ from Spangler & Spitler (2004) in
Equation (9), we have  = 0.84.
The anisotropy of solar wind fluctuations had been considered
prior to Spangler & Spitler (2004) by Bavassano et al. (1982) and
Klein et al. (1991, 1993). Bavassano et al. (1982) also studied
magnetic field fluctuations, in conditions of high-speed solar
wind at several heliocentric distances. The results of Bavassano
et al. (1982, see data in their Figure 2) yield values for  in the
range 0.8–0.9 and greater, i.e., very similar to that quoted above.
It should again be noted, as discussed in Section 2, that a highly
anisotropic and Alfvénic nature is a characteristic of turbulence
in the inner solar system, and might not be valid throughout
interplanetary space. The upper limit we can place to anisotropy
of velocity fluctuations in the Local Clouds is less than, though
comparable to, that of solar wind turbulence at a heliocentric
distance of 1 AU.

4.1.2. The Value of  for the Solar Wind

Having presented our results on upper limits to the anisotropy
factor for turbulence in the Local Clouds, we now consider the
corresponding quantity in the solar wind, which has the benefit
of direct, in situ measurements. Spangler & Spitler (2004)
studied the anisotropy of turbulent magnetic field fluctuations
in the slow solar wind. They resolved solar wind magnetic field
fluctuations into components parallel and perpendicular to the
large-scale interplanetary magnetic field. The data came from
the magnetometer of the WIND spacecraft5 at a heliocentric
distance of about 1 AU. Spangler & Spitler (2004) used 66
intervals of 1 hr duration during slow solar wind conditions, and
report their results in terms of modulation indices mB and mB⊥
of fluctuations parallel and perpendicular to the mean field6
δb
,
B0

(7)

where δb and δb⊥ are the rms values of the fluctuations
in the magnetic field components parallel and perpendicular,
respectively, to the mean field B0 . Spangler & Spitler (2004)
report mean values for mB and mB⊥ of 0.0321 and 0.112,
respectively. The means are for the distribution of values
measured in the 66 data intervals. As noted in Spangler &
Spitler (2004), mB⊥ should be larger than mB because it
possesses contributions from two turbulent field components
rather than just one. The degree
√ of anisotropy can be determined
by comparing mB to mB⊥ / 2. Spangler & Spitler (2004) found
that the turbulent fluctuations in their study were Alfvénic, in the
sense that VδvA = Bδb0 , so the measured magnetic field modulation
indices may be considered proxies for modulation indices of the
velocity fluctuations. With this assumption, we have
√
 
2mB
V
,
(8)
=
mB⊥
V⊥

Figure 4. Plot of ξ 2 vs. | cos A| for λ = 90◦ , β = 50◦ . The plot is in the same
format as Figure 2. The dashed line shows the model given by Equation (3) with
V⊥2 = 6.0 km2 s−2 , and  = 0.75.

mB =

δb⊥
,
B0

4.2. Anisotropy in the Ion Temperature
As discussed in Section 3, the analysis of line widths by
Redfield & Linsky (2004) also yields the ion temperature T.
Strictly speaking, this is a line-of-sight temperature; it is a measure of the line-of-sight component of thermal motion of atoms
and ions. If the Local Cloud turbulence is similar to coronal and
high-speed solar wind turbulence, the ion temperature T might
also depend on the angle A between the line of sight and the local interstellar magnetic field, as a consequence of T⊥  T . To
test for temperature anisotropy in the Local Clouds, an analysis
similar to that of Section 4.1 was undertaken. Plots of T as a
function of cos A were made for all 361 candidate directions for
b̂. These plots were visually examined for indicators that the data
were organized according to a relation like that in Equation (3).
In the case of temperature anisotropy, the line-of-sight temperature should obey a relationship like Equation (3). No case of a
convincing temperature anisotropy was found. Figure 5 shows
the results for the direction (λ = 10◦ , β = 40◦ ).

(6)

5 WIND is one of the spacecraft which comprises the International
Solar–Terrestrial Physics (ISTP) program.
6 Spangler & Spitler (2004) used the variables 
B and B⊥ for the
modulation indices, but we do not retain this notation so as to avoid confusion
with our anisotropy parameter .
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(λ = 222.◦ 5, β = −49◦ ). Since −b̂ serves equally well as a
direction for anisotropy, we have (λ = 42.◦ 5, β = 49◦ ) as a
candidate direction for the local field. It is interesting that this
direction is very close to the set of directions chosen as the
best candidates from the unbiased analysis of Section 4.1, and
illustrated in Figure 2. Although the weak, if not nonexistent,
evidence of anisotropy in Figure 2 precludes any further claims,
the coincidence of the set of directions chosen for closer
examination in our study and the proposed direction of the
local field of Lallement et al. (2005) could motivate future
investigations with more lines of sight.
The direction for b̂ proposed by Opher et al. (2009), (λ
15◦ , β
33◦ ), did not emerge from our unbiased analysis of
the ξ data as one of the directions for closer examination. The
values of R(a = 0.3) and R(a = 0.5) for a direction in the
range of possible directions chosen by Opher et al. (2009),
(λ = 17.◦ 7, β = 34.◦ 1), are given in Table 2. The value of
R(a = 0.3) = 1.46 ± 0.33 is not statistically significant, but is
not inconsistent with an anisotropy of the velocity fluctuations
 0.4–0.5. Interestingly, the anisotropy for R(a = 0.5) is larger,
but not in agreement with the results for the smaller binning
interval.

Figure 5. Temperature as a function of | cos A| in the case of (λ = 10◦ , β =
40◦ ). There is no obvious sign of temperature anisotropy, in the sense that
T⊥ > T . The dashed line represents a relationship similar to Equation (3), in
which T⊥ = 8425 K, and  = 0.45.

An analysis similar to that of Section 4.1.1 was undertaken, in
which a parameter RT was calculated for the mean temperature
in two distinct intervals of width a. Values for the ratio RT
and associated errors were calculated for the same candidate
directions as in Table 2. The stars Alkaid and ζ Dor were not
excluded from this analysis because they are not anomalous
as regards temperature. In none of these directions was there
a convincing case for temperature anisotropy. In only one of
the cases examined, that of (λ = 10◦ , β = 40◦ ) shown in
Figure 5, did both RT (a = 0.3) and RT (a = 0.5) exceed unity
by an amount that was more than twice the adopted error. For
this direction, we calculate RT (a = 0.3) = 1.45 ± 0.08 and
RT (a = 0.5) = 1.23 ± 0.06. The errors were calculated from
the dispersion in the measurements of T given in Redfield &
Linsky (2004), in a manner similar to that used in Section 4.1.1.
These values for RT would correspond to anisotropy parameters
 = 0.34–0.44. We do not claim this direction as a case for
temperature anisotropy because the data shown in Figure 5 do
not show clear adherence to Equation (3).
For the other directions, the data indicate RT factors closer
to unity, and anisotropy factors closer to zero. We thus find no
evidence in the data for an anisotropy in the sense T⊥ > T ,
although (as illustrated by the discussion in the previous
paragraph) we cannot exclude the possibility that   0.40 could
be present, but hidden by random variations in T from one line
of sight to another. An upper limit to the temperature anisotropy
  0.40 corresponds to TT⊥  1.67, which is considerably less
than that reported for the solar corona.

4.4. A Test for Ion Cyclotron Resonance Heating
in the Local Clouds
As noted in Section 2, in the solar corona and in parts of the
solar wind there is not a single temperature which is valid for
all ions, as written in Equation (1). Indeed, the temperature
increases for ions with larger Larmor radii. The reason for
adopting Equation (1) in application to the Local Clouds is the
simple fact that it yields entirely satisfactory fits to the spectral
line width data for lines from as many as eight different atoms
and ions (see Figure 1 of Redfield & Linsky 2004).
The analysis of this section will be in the nature of establishing
an upper limit to the ion mass dependence of the ion temperature
in the Local Clouds. If cyclotron resonant heating is occurring,
one would expect a modification of Equation (1). A plausible
candidate form is
 
2kB T0 m d
2
b =
+ ξ 2,
(10)
m
m0
where T0 and m0 are the temperature and mass of the lightest
atom or ion analyzed, and m is the mass of the more massive
atom or ion. This equation essentially says that the atomic or
ionic temperature T (m) = T0 (m/m0 )d . The form chosen for
Equation (10) is relevant because, in the solar coronal case, the
heating has been shown to be more pronounced than “massproportional heating” (Cranmer 2002), which corresponds to
d  1.
A fit of Equation (10) to the data introduces three model
parameters (T0 , ξ, d), rather than the two parameters of
Equation (1) utilized by Redfield & Linsky (2004). This means
that there is a broader basin of acceptability in a χ 2 sense.
The following analysis was undertaken.
1. We selected data from all lines of sight and cloud components which possessed seven or eight transitions, including
the deuterium (important for determining T0 ) and iron (important for determining ξ ) line measurements. These data
consisted of the measured line widths b and associated errors. We had 11 such absorption components for analysis.
2. A least-squares fit of Equation (10) was made to the data,
and the range of parameters T0 , ξ, and d determined which

4.3. Analysis of Data for Select Candidate
Magnetic Field Directions
The analysis of Section 4.1 was done in an unbiased fashion,
i.e., with no a priori estimate of the local direction of the interstellar magnetic field. No direction examined had a compelling
case for anisotropy of the turbulent amplitude ξ or the ion temperature T. With this analysis completed, we then re-examined
the data for “preferred” candidate directions b̂ which emerge
from the analysis of Lallement et al. (2005) and Opher et al.
(2009), as discussed in Section 4.1 above.
Lallement et al. (2005) propose a direction of the local
interstellar magnetic field of 205◦  λ  240◦ , −60◦ 
β  −38◦ . Taking the means for each coordinate, we have
a candidate field direction for Lallement et al. (2005) of
8
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Table 3
Limits on Mass Dependence of Ion Temperature
Star
Capella
ι Cap
ι Cap
ι Cap
α Cent A
G191-B2B
G191-B2B
HZ43
ζ Dor
ζ Dor
υ Peg

Comp
(km s−1 )

T
(K)

ξ
(km s−1 )

T0
(K)

ξ
(km s−1 )

d

21.5
−2.2
−12.1
−20.5
−18.4
8.6
19.2
−6.5
8.4
13.9
1.7

6700 ± 1400
5500 ± 5500
12900 ± 3800
11700 ± 4100
5100 ± 1200
4400 ± 2800
6200 ± 1400
7500 ± 2100
7700 ± 2300
7000 ± 3500
1700 ± 1100

1.68 ± 0.39
3.70 ± 0.90
1.58 ± 0.89
3.82 ± 0.44
1.21 ± 0.49
3.27 ± 0.39
1.78 ± 0.51
1.70 ± 1.70
2.34 ± 0.48
5.47 ± 0.41
3.93 ± 0.22

6450
6020
5388
5490
3960
3990
5612
6235
3826
4296
1000

1.30
2.82
0.0
0.0
0.0
0.0
0.0
0.0
0.0
0.41
3.00

0.12
0.57
0.52
0.74
0.26
0.69
0.27
0.32
0.61
1.00
1.25

allowed an acceptable value for the reduced χν2 . We chose
a value of χν2 = 2.21, corresponding to a 5% probability of
occurrence for 5 degrees of freedom (Bevington 1969), as
the limit of an acceptable fit.
3. Upper limits to d were chosen which corresponded to
the maximum value of d consistent with the χν2  2.21
acceptability criterion, with no imposed constraints on T0
and ξ .
4.4.1. Results

The results of this analysis are given in Table 3. Column
1 gives the star name and Column 2 gives the absorption
component, identified by its velocity. Columns 3 and 4 give
the temperature and turbulent velocity parameter ξ from the
two-parameter fit (Equation (1)). The numbers in these columns
are taken directly from Table 1 of Redfield & Linsky (2004),
and are reproduced here for comparison with the parameters
of the model given by Equation (10). The errors in Columns
3 and 4 are approximations to those published by Redfield &
Linsky (2004); those authors allowed for different errors above
and below the mean value. Columns 5, 6, and 7 give the values
of T0 , ξ , and d for the limiting acceptable three-parameter model
as defined in point (3) of the previous section.
Of the 11 absorption components with seven or eight measured transitions, nine gave acceptable fits with the temperature
model of Equation (10) and d > 0. For two of the 11 components, the minimally acceptable fit of Equation (10) yielded
a physically implausible model for b(m) in which b increased
with increasing m. We will discuss those cases below.
For the remaining nine line of sight/absorption components,
a minimally acceptable fit to the data was possible with values
of d ranging from 0.12 (Capella) to 0.74 (−20.5 km s−1
component of ι Cap). It is worth emphasizing again that these
values represent the maximum value of d which is statistically
acceptable as defined above, with few or no constraints placed
on the values of T0 and ξ . Any larger value of d is incompatible
with the data. An illustration of a fit of Equation (10) to one of
our data sets is shown in Figure 6. This figure also shows the
best-fitting two-parameter model, with the parameters reported
by Redfield & Linsky (2004). We do not show the model
with the maximally acceptable value of d = 0.69, but instead
Equation (10) with a slightly smaller value of d = 0.60 (and
associated parameters T0 and ξ ) that provides a better fit to
the data. In all nine cases, the fit of Equation (10) introduced
lower values of ξ than the two-parameter fits of Equation (1)
published in Redfield & Linsky (2004). For example, in the case

Figure 6. Spectral line width data b(m) for the 8.6 km s−1 absorption component
in the spectrum of G191-B2B. Plotted is the measured spectral line width b vs.
the atomic or ionic mass in atomic mass units. Solid symbols represent ions, open
symbols are neutral atoms. The solid curve is the best fit of Equation (1) from
Redfield & Linsky (2004); the parameters of the model are T = 4400 K and
ξ = 3.27 km s−1 . The dashed curve represents Equation (10) with T = 4133 K,
ξ = 1.63 km s−1 , and d = 0.60. The reduced chi-squared χν2 for the solid curve
(d = 0) is 0.64. The dashed curve, corresponding to d = 0.60, has χν2 = 1.82,
which is larger, but still statistically acceptable by our criterion.

of the 8.6 km s−1 component of G191-B2B, Redfield & Linsky
(2004) report ξ = 3.27 km s−1 , while the limiting acceptable
fit of Equation (10) has ξ = 0 km s−1 and d = 0.69. In fact, as
may be seen in Table 3, most of the limiting acceptable fits of
Equation (10) to the data have ξ = 0.
The reason for this anticorrelation of ξ and d is clear. The
quantity ξ is determined by the degree to which b(m) asymptotes
to a constant level as m becomes large. However, this behavior
can also be produced (over a limited range in m) by a lower
value of ξ , if compensated by a higher thermal width for more
massive ions (the meaning of the (m/m0 )d term).
The conclusion from this analysis is that the data do not
exclude a modest dependence of the ion temperature on mass,
with an associated drop in the turbulence level ξ . This result
is somewhat ironic in that ion-mass-dependent temperature
was sought as a consequence of turbulence or wave–particle
interaction. However, if mass dependence of temperature is
present, the data require a reduced level of turbulence in the
Local Clouds.
Two points should be emphasized in this context. First, there
is no statistical argument for choosing Equation (10) over the
simpler Equation (1) as a temperature model; both provide
statistically acceptable representations of the data, and in almost
all cases the best fit has d = 0. Second, with the exception of the
9
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We feel that our result on the isotropy of ξ is significant, and
contains information on the nature of turbulence in the Local
Clouds. There are three possible explanations for this result,
which are not mutually exclusive.

two lines of sight with poor fits, the degree of mass dependence
of the temperature which is compatible with the data is less than
the case of mass-proportional temperature (d = 1) that is the
benchmark for the corona.
To conclude this section, we briefly discuss the two cases in
which a plausible model for T (m) according to Equation (10)
was not obtained. These cases are the 14 km s−1 absorption
component for ζ Dor and the 1.7 km s−1 component of υ Peg.
In the case of ζ Dor, the value of ξ from Redfield & Linsky
(2004) was particularly high (5.47 km s−1 , noted above) and in
the case of υ Peg, the temperature was low (1700 K; Redfield
& Linsky 2004). In both cases, therefore the measured variation
db
of b with m was relatively small, so fit trends with dm
> 0 or
db
<
0
were
equally
compatible
with
the
data.
dm

1. The simplest explanation is that turbulence in the Local
Clouds is not Alfvénic, so that the velocity fluctuations are
not primarily perpendicular to the large-scale field in the
solar neighborhood. The velocity fluctuations parallel to
the large-scale field are then comparable to those in the two
perpendicular directions. A simple analog for this process
might be the reduced anisotropy of velocity and magnetic
field fluctuations in the solar wind at large heliocentric
distances, compared to those properties at 1 AU and closer,
as reported by Klein et al. (1991, 1993). However, the
solar wind is a plasma with a strong radial gradient, which
may govern the radial evolution of turbulence properties
such as anisotropy. The Local Clouds show no such strong
spatial gradients, so one could conjecture that the simpler
properties of turbulence which are observed in the inner
solar wind would be better conserved in the Local Clouds.
2. A related suggestion is that the fluctuations are transverse
on scales much smaller than the outer scale (Spangler 1999),
but that the measurements of ξ are dominated by the largest
amplitude fluctuations on the outer scale. These outer scale
fluctuations are of sufficient amplitude to nearly totally
randomize the average field, and thus eliminate the simple
observational signature sought for in Figure 1.
3. The third explanation is closely related to the second, and
would say that turbulent fluctuations nearly completely
randomize the local Galactic magnetic field on a scale
comparable to the separation between the Local Clouds.
According to this viewpoint, Figure 1 would refer only to
the average magnetic field, and not to the true value at
a specific cloud (or even within a cloud). In terms of the
mathematical vocabulary introduced in Section 4.1, the unit
vector b̂ would be randomized on scales comparable to the
spacing between clouds, if not within individual clouds.

4.5. Additional Remarks on Heating by Plasma Waves
The previous section dealt with a search for evidence of mechanisms that produce more effective heating of ions with lower
cyclotron frequencies. Two mechanisms have been proposed
which can explain this, both of which involve the interaction
of ions with plasma waves and turbulence. These are the ion
cyclotron resonance interaction discussed by Cranmer (2002)
and Hollweg (2008) inter alios, and the stochastic acceleration
mechanism of Chandran (2010). However, our results on spectral line widths as a function of ionic or atomic mass place more
general constraints on plasma physics processes operative in
the Local Clouds. Such processes, like magnetic reconnection,
interaction with plasma waves, response to large-scale electric
fields, etc., act directly only on ions since ions respond to electric and magnetic fields, while neutral atoms do not. The data of
Redfield & Linsky (2004) include both neutral atoms and ions.
The data in Figure 6 include measurements for lines of C ii,
Mg ii, Al ii, Si ii, and Fe ii, which are ions (solid symbols), as
well as lines of the neutral atoms D i, N i, and O i (open symbols).
In Figure 6, the two-parameter curve fits all transitions with the
same temperature. The more extensive set of results in Figure 1
of Redfield & Linsky (2004) yields the same conclusion; a single temperature provides a satisfactory description of the data
for both ions and neutral atoms. This result is obtained for many
lines of sight throughout the sky. This indicates that whatever
process heats the Local Cloud plasmas to temperatures of order
7000 K does so via a process which heats ions and neutrals
equally. Alternatively, if heating power is input preferentially or
exclusively to ions via some plasma physics process, that power
is efficiently shared with neutrals.

The last two explanations would seem to be plausible and
consistent with our understanding of turbulence. It is, after all,
the dominant interpretation of why Galactic Faraday rotation
measurements give such an ambiguous indication of a largescale Galactic magnetic field (e.g., Rand & Kulkarni 1989;
Rand & Lyne 1994; Beck et al. 1996; Van Eck et al. 2011).
However, in the present context, there are arguments against
their applicability.
Acceptance of point (3) would require the outer scale of the
interstellar turbulence (at least in the vicinity of the Sun) to be of
the order of a few parsecs. Minter & Spangler (1996) estimate
the outer scale of the three-dimensional turbulence to be about
4 pc, but suggest that there is a two-dimensional component with
an outer scale of order 100 pc. Since the rms amplitude of the
magnetic field fluctuations is dominated by the two-dimensional
component, the Minter & Spangler (1996) estimate of the
turbulent Galactic field suggests that the correlation length in b̂
is substantially larger than the distances between the stars used
in this study. A rigorous analysis has not been done however.
Estimates of the outer scale in interstellar turbulence which
may lead to a different conclusion have been made by Haverkorn
and her co-workers (e.g., Haverkorn et al. 2004a, 2004b, 2006);
a summary of Haverkorn’s results on the outer scale is given
in Spangler et al. (2010). Haverkorn has presented results using
both Faraday rotation of background radio sources as well as the

5. DISCUSSION
In this section, we consider the observational findings of
Section 4, and speculate on their consequences for our understanding of the turbulence in the Local Clouds.
5.1. Anisotropy of Velocity Fluctuations
Our analysis shows no compelling evidence that the turbulent
velocity width ξ depends on direction in the sky, in a way which
would be consistent with velocity fluctuations predominantly
perpendicular to a large-scale magnetic field (see Figure 1). The
fact that the few directions chosen for closer inspection have
b̂ in approximately the same direction as that independently
inferred by Lallement et al. (2005) is an interesting curiosity
and probably motivates future examinations with more data, but
does not change the negative nature of the current conclusion.
10
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statistics of polarization fluctuations in the Galactic polarized
synchrotron radiation. Haverkorn et al. (2006) claim evidence
for a difference in the properties of fluctuations in the spiral
arms of the Galaxy relative to the interarm regions. For the case
of the fluctuations in the spiral arms, their estimates of the outer
scale range from 2 to 17 pc. There was no effort in this work
to distinguish between two-dimensional and three-dimensional
turbulence, with different outer scales. As noted in Spangler
et al. (2010), an outer scale as small as 2–17 pc (particularly
the low end of that range) would probably randomize the local
magnetic field sufficiently to eliminate anisotropy of ξ on the
sky. These considerations provide another reason for improved
determination of the turbulent outer scale in the interstellar
medium. It should be kept in mind that the observational results
of Haverkorn et al. (2004a, 2004b, 2006) and Minter & Spangler
(1996) most probably refer to the Warm Ionized Medium (WIM)
component of the interstellar medium, and that their results are
not obviously transferable to the turbulence in the Local Clouds.
A second argument against points (2) and (3) is that we have
information on the dimensionless amplitude of the Local Cloud
turbulence, and the amplitude is small. The mean value of ξ
from the data in Redfield & Linsky (2004) is 2.24 km s−1 . The
amplitude of turbulence has been discussed in Section 4.1.2
above, and for fluctuations of all kinds (parallel and perpendicular to a large-scale field) can be defined as m ≡ δv/VA . We
can use the data in Table 1 to calculate the Alfvén speed in
the Local Clouds. The value obtained depends on whether the
density used is the total density (ion plus neutral) or only the
ionized component. The appropriate value depends on the scale
of the fluctuations involved. For large-scale fluctuations (larger
than the ion–neutral collisional mean free path) ion–neutral collisions cause the neutral atoms to be carried along in the Alfvén
wave, and the total density should be used. For small-scale fluctuations (scales much smaller than the ion–neutral mean free
path), the Alfvénic waves or fluctuations occur only in the ionized fluid, and the ionized density should be used. Since ξ is
an rms value formed from all fluctuations, the dominant contribution to ξ should come from large scales of order the outer
scale, and the relevant density for calculating the Alfvén speed
should be the total density. We will use the total density in the
calculations below.
Given the above considerations and the data in Table 1,
the Alfvén speed in the Local Clouds is 12.8–17.0 km s−1 ,
with the range reflecting the possible values for the magnetic
field strength. In calculating the dimensionless
amplitude of the
√
turbulence, δv/VA , we assume δv = 3ξ , since ξ corresponds
to only one component of the turbulent velocity fluctuations.
For ξ , we use the mean of the entire sample of Redfield &
Linsky (2004), ξ̄ = 2.24 km s−1 , giving δv = 3.88 km s−1 .
We then have for the dimensionless amplitude of the turbulence
0.23  δv/VA  0.30. Once again, for Alfvénic turbulence,
δb/B0 would have the same range.
These calculations indicate that the turbulence in the Local
Clouds is of substantial amplitude, but probably not so large as
to cause significant excursions of the magnetic field direction,
i.e., variations in field direction 17◦ . These calculations argue
that turbulence in these clouds is not sufficiently large to cause
randomization of the field direction and thereby produce loss of
intrinsic velocity anisotropy, if it were present.

Clouds on the other, is the absence in the Local Clouds
of collisionless plasma processes responsible for enhanced
heating of ions with larger Larmor radii (see Figure 6). The
existence of a single temperature for many ions (and neutral
atoms) is an observational result which cannot be an “artifact”
of a randomized interstellar magnetic field. In this section,
we conjecture on the physical processes responsible for this
apparent thermal equilibrium. A preliminary discussion of this
topic has been given by Spangler et al. (2011).
The simplest way of explaining this result is to invoke
collisionality. The solar corona is highly collisionless, and the
solar wind at 1 au ranges from collisionless to only weakly
collisional. Although the density of the Local Cloud plasmas
is lower than the heliospheric plasmas we have discussed,
the temperature is also lower, leading to higher collision
frequencies. More importantly, the Local Cloud plasmas possess
a significant neutral component (see Table 1), so ion–neutral
collisions occur. The role of collisions is to take energy input
by collisionless processes into one ion species, and into a
limited number of degrees of freedom (i.e., perpendicular,
but not parallel motions), and redistribute it to many species
and all degrees of freedom. This happens in the solar wind,
where more collisional parts such as the heliospheric current
sheet lack properties like mass-proportional temperature and
temperature anisotropy (Kasper et al. 2009). We now consider
whether the ion–neutral collision frequency in the Local Clouds
is sufficiently large to make these plasmas collisional.
Spangler et al. (2011) use two definitions of collisionality
employed by Uzdensky (2007) in the context of magnetic field
reconnection in the solar corona.
1. According to the first criterion, a collisionless plasma is one
for which the ion cyclotron frequency is higher than the ion
collision frequency. This permits, for example, instabilities
with growth rates of the order of a fraction of the cyclotron
frequency to develop without modification by collisions.
2. In the second, much more restrictive criterion, a collisionless plasma is one for which the collisional mean free
path is larger than the dimensions or characteristic scale
of the plasma or medium. The converse situation of a collisional mean free path much smaller than the size of the
system would then constitute a collisional plasma, even if
the medium satisfied the first criterion for a collisionless
plasma given above.
To evaluate the collisionality of the Local Cloud plasmas, we need to identify the relevant collisional processes.
Spangler et al. (2011) discuss charge exchange and induced
dipole scattering. These two processes have similar collisional
cross sections, with charge exchange being larger by a factor of a few for Local Cloud conditions. The microphysics
of what occurs is quite different in the two cases. For conditions appropriate to the Local Clouds, Spangler et al. (2011)
calculate an H+ –H ion–neutral collision frequency due to induced dipole scattering of 3 × 10−10 Hz. This frequency is
about eight orders of magnitude smaller than the proton ion
gyrofrequency (see Table 2 of Spangler et al. 2011), meaning
that the Local Clouds easily satisfy the first of the above criteria for being collisionless. However, the collisional mean free
path corresponding to this collision frequency is 5 × 1015 cm =
1.5 × 10−3 pc = 330 AU. For the case of H+ –H charge exchange, the collision frequency would be a few times higher,
and the collisional mean free path a few times smaller than the
numbers given immediately above. In any case, we conclude that

5.2. Limits on Ion Cyclotron Resonance Heating
Perhaps the most striking difference between coronal and
solar wind turbulence on one hand, and that in the Local
11
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the Local Clouds are highly collisional by Uzdensky’s second
criterion.
It seems likely that collisions between ions taking part in
the Alfvénic waves and turbulence in the Local Clouds, and
neutral atoms which are not, are responsible for the removal
of temperature anisotropy and ion-specific heating. It would
be worthwhile to conduct a theoretical study of ion and neutral
atom dynamics in the presence of Alfvénic turbulence, including
collisions due to both charge exchange and induced dipole
scattering. Such calculations could determine if the collisions
do indeed remove temperature anisotropy and ion-specific
temperatures, by taking the energy which is preferentially input
to one or a few ion species, and distributing it to all ions and
neutral atoms.
Introducing Uzdensky’s first criterion of collisionality has
provided interesting insight in the present context. The fact
that the collision frequency is approximately eight orders of
magnitude smaller than the gyrofrequency means that plasma
instabilities and quasilinear modification of ion distribution
functions would have ample time to develop, unencumbered
by collisions, if conditions for instabilities were present. The
absence of “collisionless” observational signatures suggests that
energetic processes on ion temporal and spatial scales are not
occurring in the Local Clouds.

high-speed solar wind, particularly at heliocentric distances
1 AU.
6. We determined an upper limit to the amount of ion-massdependent heating by studying the statistical acceptability
of Equation (10), a temperature model with mass-dependent
temperature. This model was fitted to the data for nine lines
of sight with seven or eight transitions from ions or atoms of
different mass. The maximum value of d allowed for these
nine lines of sight was d = 0.74, with the other lines of sight
having smaller values of d. The case of mass-proportional
temperature would have d = 1.
7. The explanation for results (3)–(5) is most likely that the
turbulence (and ion and neutral atom distribution functions)
has persisted for many ion–neutral collisional timescales.
These ion–neutral collisions have apparently eliminated
temperature anisotropies and temperature differences between species. This conclusion itself is of interest in that
it indicates the absence of energetic kinetic plasma physics
processes on the scale of the ion cyclotron radius or ion
inertial length in the Local Clouds of the VLISM.
This work was supported at the University of Iowa by
grants AST09-07911 and ATM09-56901 from the National
Science Foundation. The authors thank Dr. Steven Cranmer of
the Harvard-Smithsonian Center for Astrophysics for sharing
with us his insight on coronal and solar wind turbulence,
and for making a number of very helpful suggestions and
recommendations.

6. SUMMARY AND CONCLUSIONS
The conclusions of this paper are as follows.
1. High-resolution optical and UV spectroscopy of absorption
lines for several ions and atoms in the Local Clouds of the
VLISM provide a remarkable number of diagnostics of the
turbulence in these clouds. The data are sufficient to make
some tests of the similarities to, or differences from, MHD
turbulence in the solar corona and solar wind.
2. The turbulent line broadening parameter ξ does not show
a systematic dependence on direction in the sky, as would
be expected if the velocity fluctuations are predominantly
transverse to the local Galactic magnetic field. This result
indicates either that the turbulent fluctuations are not
anisotropic with respect to the local magnetic field, or that
the field is partially randomized on a size scale of several
parsecs.
3. The quantitative limits we can place on anisotropy in the
case of an ordered field are, however, not very restrictive.
Our results indicate an upper limit to the anisotropy parameter   0.70. If such a large value of the anisotropy is
present, it must be masked by another, unidentified process
that causes variations in ξ from one line of sight to another,
which in many cases is within the same cloud.
4. Although a conclusion of this paper is that there is no
significant anisotropy in ξ , and therefore no result for
the direction of the local interstellar magnetic field B0 ,
a set of candidate directions for B0 chosen for further
analysis are in rough agreement with the field direction
proposed by Lallement et al. (2005). This could justify
future investigation with a larger set of absorption line
measurements.
5. The temperature T obtained from the spectral line widths
(see Equation (1)) also shows no dependence on direction
on the sky. The most straightforward interpretation of this
result is that there is not a temperature anisotropy T⊥ > T
as is the case in the solar corona, and to a lesser extent in the

APPENDIX
A MODEL FOR TURBULENT EFFECTS
ON SPECTRAL LINE WIDTHS
In this appendix, we derive the relationship between the
probability distribution function of velocity fluctuations in a
frame of reference defined by the interstellar magnetic field, and
the distribution function in an observer-centered frame defined
by the line of sight to a star.
The anisotropic turbulent velocity fluctuations are most naturally defined in a coordinate system in which one coordinate,
the z-coordinate, is in the direction of the large-scale magnetic
field B0 . Let b̂ be the unit vector which points in the direction of
B0 . The unit vector b̂ can be defined by the galactic longitude
and latitude (λ, β) toward which it points. In the B0 coordinate
system, the z-axis is in the direction of b̂, x is in the plane defined
by b̂ and the direction to the north galactic pole, and y completes
a right-handed coordinate system.
The turbulence model we want to test is one in which the
fluctuations in the plane perpendicular to b̂ are larger than those
in the direction of b̂. A probability distribution function which
is simple in mathematical form and describes this is




vx2 + vy2
vz2
1
exp
−
f (
v) =
exp
−
(2π )3/2 V V⊥2
2V2
2V⊥2
(A1)
with V⊥ > V by assumption. The distribution
function (A1)
 3
satisfies the normalization requirement d vf (
v ) = 1.
The observed spectral line width is proportional to the rms
fluctuation in the component of the velocity along the line of
ˆ The unit
sight, which is in the direction of the unit vector l.
vector lˆ points in the direction of galactic longitude and latitude
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⎞
cos b sin β − cos Δl sin b cos β
⎠.
− sin Δl cos β
sin b sin β + cos Δl cos b cos β

(l, b). In what follows, we assume that the observed turbulent
width ξ can be expressed as

 2  2

2
v ),
ξ = vL = vL (vx , vy , vz ) = d 3 vvL2 (vx , vy , vz )f (

We are interested in only the vL component in the (T , P , L)
coordinate system, which is given by

(A2)
where vL is the line-of-sight component of the flow velocity. By
expressing ξ 2 as an expectation value, we assume that the lineof-sight integration through the cloud samples a large number
of independent eddies in the cloud and thus satisfies the ergodic
theorem.
To evaluate expression (A2), we need to express
vL (vx , vy , vz ). We define a coordinate system such that the
ˆ The
unit vector êL for one coordinate is in the direction of l.
unit vector corresponding to another coordinate (êT ) is in the
plane defined by êL and the direction to the north galactic pole.
Finally, the unit vector for the third coordinate in the line-ofsight coordinate system, êP , is defined by êT × êP = êL .
The transformation between the two coordinate systems is
given by


vT
vx
vP = T · vy ,
(A3)
vL
vz
where T is the matrix which generates the rotation from the
magnetic field oriented coordinate system to the line-of-sight
coordinate system. The matrix T is given by an Euler angle
transformation, so it is the product of three matrices, each
describing the rotation through one of the Euler angles:
T = T3 ⊗ T 2 ⊗ T 1 .

(A8)

vL = (sin b cos β − cos Δl cos b sin β)vx + (sin Δl cos b)vy
+ (sin b sin β + cos Δl cos b cos β)vz .
(A9)
In keeping with our model of the clouds and their turbulence,
Equation (A9) holds at every point along the line of sight through
a cloud. The quantity which is measured is the turbulence
parameter, ξ 2 = vL2 . We assume that vx vy = vx vz =
vy vz = 0 (i.e., the fluctuations have no dominant polarization).
We then have
 
 
ξ 2 = vL2 = (sin b cos β − cos Δl cos b sin β)2 vx2
 
+ (sin Δl cos b)2 vy2 + (sin b sin β + cos Δl cos b cos β)2
 
(A10)
× vz2 .
The expectation values of the squares of the velocity components
are

 2
v ),
(A11)
vi ≡ d 3 vvi2 f (
i = x, y, z, and for our model vx2 = vy2 . Substituting
Equation (A1) into (A11) and evaluating gives
 2  2
vx = vx = V⊥2 ,
(A12)

(A4)

The T1 operator is the first one. It rotates the (x, y, z) coordinate
system about the y-axis so that the z -axis is in the galactic plane.
It is given by
⎞
⎛
cos β 0 sin β
⎟
⎜
⎟
⎜
1
0 ⎟.
(A5)
T1 = ⎜ 0
⎠
⎝
− sin β 0 cos β

 2
vz = V2 .

(A13)
V2

We now define a first anisotropy parameter η ≡ V2 , and use it
⊥
in Equation (A10) to give
 2
v
ξ2
= L2 = [(sin b cos β − cos Δl cos b sin β)2
2
V⊥
V⊥

The next rotation operator T2 rotates the coordinate system in
the galactic plane such that the z -axis is pointing along the
galactic longitude l of the line of sight. It effects a rotation about
the x  -axis through an angle Δl ≡ λ − l and is given by
⎞
⎛
1
0
0
⎟
⎜
⎟
⎜
(A6)
T2 = ⎜0 cos Δl − sin Δl ⎟ .
⎠
⎝
0 sin Δl
cos Δl

+ (sin Δl cos b)2 + η(sin b sin β + cos Δl cos b cos β)2 ].
(A14)
This is an appealing equation. The measured square of the
turbulent velocity width is on the left-hand side of the equation,
and functions of galactic coordinates (of the line of sight and the
large-scale B field), as well as the anisotropy parameter η are
on the right. However, the expression can be simplified further
by use of trigonometric identities, and definition of a second
anisotropy parameter , η ≡ 1 − , to be
 2
v
ξ2
= L2 = 1 − (sin b sin β + cos Δl cos b cos β)2 . (A15)
2
V⊥
V⊥

The third rotation operator rotates the coordinate system “upward” about the y  -axis through an angle b. At this point, the
ˆ The operator T3 is given by
z -direction coincides with l.
⎞
⎛
cos b 0 − sin b
1
0 ⎠.
(A7)
T3 = ⎝ 0
sin b 0 cos b

This is one of the two fundamental equations in our analysis.
Equation (A15) relates the observed turbulent line width ξ (lefthand side, normalized by the unknown but estimable V⊥2 ) to the
anisotropy parameter , the direction of the line of sight (l, b),
and the direction of the local interstellar magnetic field (λ, β)
on the right-hand side. Although this form of the equation is
most useful for the analyses carried out in this paper, it is more

Multiplying the three matrices together as in Equation (A4) to
produce T, we have
⎛
cos b cos β + cos Δl sin b sin β − sin Δl sin b
⎝
sin Δl sin β
cos Δl
T =
sin b cos β − cos Δl cos b sin β sin Δl cos b
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=
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